The Galactic magnetic field plays an important role in the evolution of the Galaxy, but its small-scale behaviour is still poorly known. It is also unknown whether it permeates the halo of the Galaxy or not. By using observations of pulsars in the halo globular cluster 47 Tucanae, we probed the Galactic magnetic field at arcsecond scales for the first time and discovered an unexpected large gradient in the component of the magnetic field parallel to the line of sight. This gradient is aligned with a direction perpendicular to the Galactic disk and could be explained by magnetic fields amplified to some 60 μG within the globular cluster. This scenario supports the existence of a magnetized outflow that extends from the Galactic disk to the halo and interacts with the studied globular cluster.
be made of an ordered component at large scales and a random component at small scales with a turbulent nature (3) . The magnetic field in the halo that surrounds the Galaxy is also poorly known (4); it is usually thought to be predominantly azimuthal (5) but a component perpendicular to the Galactic disk has been suggested (6, 7) and found some support (8) (9) (10) . A possible origin of this component is a magnetized outflow from the disk (11) whose existence is supported by radio observations (12) and by diffuse Galactic X-ray observations (13) .
Pulsar observations have led to important results on the determination of the large-scale structure of the Galactic magnetic field (14) (15) (16) (17) . The radiation of pulsars is typically highly polarized and, as it travels through an ionized and magnetized medium, the polarization angle rotates by an amount proportional to the column density of the ionized gas, the parallel component of the magnetic field and the square of the wavelength of the radiation (18) . This effect is called Faraday rotation and is quantified by the rotation measure (RM). Thanks to the periodic nature of the pulsar radiation and its broadband emission, it is also possible to directly measure dispersion in the ionized interstellar medium, which is also proportional to the square of the wavelength and the column density of the ionized gas, via a quantity known as dispersion measure (DM). After estimating both dispersion and rotation measures, it is possible to isolate the effects of the magnetic field along the line of sight and study it directly. Such studies are typically limited by the large angular separation of pulsars, usually more than a degree (16) , and uncertainty in pulsar distances. In this regard, globular clusters (GCs) can help us since they typically host large numbers of pulsars with small angular separation, from arcseconds to arcminutes, and their distances are known with great accuracy. In comparison, the smallest angular scales of the magnetic field analysed in studies of extragalactic RMs go down to only ~10 arcminutes (19, 20) . Furthermore, a large fraction of GCs is located in the Galactic halo. Thus, observations of GC The measured RMs, polarization percentages, and the values of DM are reported in Table 1 . The average value of RM is ~ 13 rad m -2 and the standard deviation is ~ 13 rad m -2 . Initial results indicated a correlation between the RMs and the spatial distribution of the pulsars. To investigate this, we performed a fit using a Bayesian maximum likelihood algorithm (see Methods section) and found that the dataset is well described by a linear gradient ( Fig. 1 and 2) . The parameters of the fit and the best-fitting values are the magnitude of the gradient, = −0.77 ± 0.06 rad m -2 arcsec -1 , the inclination angle of the gradient measured from Celestial North to East, = 30 ± 2 deg, and the value of RM at the centre of the cluster, RM 1 = 20 ± 1 rad m -2 . The reduced chisquare of the fit is 0.7 with 10 degrees of freedom. We checked if a random distribution of RMs could reproduce the results by applying a Bayesian model selection algorithm (see Methods section); we found that there is only a 0.04 per cent probability of a random distribution to obtain a better fit to the data. This means that the observed gradient is not due to random fluctuations at a 3.5-sigma level. Table 1 . Measured properties of the pulsars detected in the observations. We report the percentage of linear polarization, L, and value of RM. For reference we also report the DM of the pulsars (27) . For some pulsars the RM was not measurable either because of low signal-to-noise ratio or low polarization fraction. In these cases we write a dash in the corresponding cell. The errors represent the 68% confidence interval. If we assume that the RM distribution is caused by differences in the electron density along the line of sight, the latter differences would be reflected in the measured DMs. Assuming that the magnetic field is uncorrelated with the electron density, the relation between magnetic field, RM and DM is given by (18) :
Where ∥ is the component of the magnetic field parallel to the line of sight. Assuming a constant magnetic field of ~ 5 μG (a typical value for the Galactic magnetic field in the disk (2)), an RM spread of ~ 40 rad m -2 would require a DM range of order ~ 10 pc cm -3 , much larger than the observed maximum of 0.6 pc cm -3 . Therefore, the RM spread cannot be ascribed to fluctuations in the electron density.
Alternatively, the observed broad range of values of RMs could arise from differences in the parallel component of the magnetic field along different lines of sight over the angular scales probed by the pulsars. The magnetic field responsible for that could in turn be located either in the Galactic disk along the line of sight, in the GC itself or in the Galactic halo. In the following we explore these possibilities separately.
At sub-arcminute scales, the small-scale magnetic field in the Galactic disk is thought to follow the electron density distribution described consistently by the Kolmogorov theory of turbulence (32, 3) . We tested whether the observed RMs could be described by a turbulent field through the study of the RM structure function, but it was inconclusive. The description and results of this analysis are reported in the Methods section and plotted in Supplementary Figure 6 . While the standard deviation of RM is comparable with what has been found in previous studies at larger angular separations at similar Galactic latitudes (19,20), turbulent fluctuations are not expected to show strong correlations with a specific spatial direction. Furthermore, the fluctuations of DM due to the interstellar medium in the Galactic disk, after removing the contribution from the GC gas, have a standard deviation of ~ 0.1 pc cm -3 (29) .
If the observed RM fluctuations (which have a standard deviation of ~ 13 rad m -2 ) were due to only the fluctuations of dispersion in the Galactic disk, then the parallel component of the magnetic field would be ~ 150 μG, which is almost two orders of magnitude greater than the expected value.
We now explore the second hypothesis that the RM variations on the small scales covered by 47
Tuc pulsars are due to an ordered magnetic field located inside the GC. To obtain an estimate of the required strength of this magnetic field we start from the definition of the RM (33):
Where H ~ 0.23 cm CO (29) is the number density of free electrons, considered constant over the central parts of the cluster, ∥ is the component of the magnetic field parallel to the line of sight and the integral is extended over the central region of the cluster where the pulsars and the gas are located, about 2 pc (29) . Assuming a constant strength of the magnetic field, the parallel component will have different values depending on where the field lines are pointing. Using the above equation, we find that to explain the observed RM difference of ~ 40 rad m -2 we need a difference in the parallel magnetic field component of ~ 100 μG. This value must be compared with the equipartition value of the magnetic field measured using previously determined parameters of the cluster (29) which is ~ 4 μG, making this picture very unlikely.
A third option invokes the combined effects of the interaction between the wind released by the Galactic disk and the movement of the GC. In the following we show that in this case a shock front arises providing the needed amplification of the magnetic field transported by the wind. We note that the inclination angle of the gradient, θ, is compatible at 2s with the direction perpendicular to the Galactic disk, which measured with our conventions would be ~ 26 deg.
The geometry of the field lines (as resulting from our discussion below) is shown in Fig In order to estimate the factor of amplification, we first estimate the properties of the gas after entering the shock interface by applying ideal magnetohydrodynamics, modified for a collisionless astrophysical plasma (see Methods section). In order to achieve equilibrium with the gas present in the cluster, the wind is compressed further. This compression of the gas strongly amplifies the perpendicular component of the magnetic field. Simple considerations (see Methods section) show that, in this situation, the magnetic field is capable of reaching strengths of up to ~ 80 μG.
However, at first approximation, we can schematically model the magnetic field with a semicircular geometry and note that the direction in which the field lines rotate changes with respect to the position where they cross the globular cluster. Field lines are circular in the half of the cluster facing the Galactic wind and straight in the other half. Field lines above the axis H shown in Fig. 3 rotate clockwise while field lines under it rotate counter-clockwise.
We perform a fit of this model leaving as free parameters the strength of the magnetic field, , the direction of the Galactic wind in the plane of the sky, P , the Galactic foreground contribution to RM, RM0,H and the inclination angle with respect to the line of sight, j. The best fit to the data is shown in Fig. 4 where the RM predicted by the model is plotted versus the measured RM (see Methods section for details on the fit). The reduced chi-square is 1.0 with 9 degrees of freedom while the best-fitting value of the inclination angle P is 36 ± 4 degrees which is compatible at 2.5s with the direction from the GC to the Galactic disk. The best-fitting value of the foreground contribution to RM is 23 ± 2 rad m -2 which is compatible with the values of 30 ± 8 rad m -2 (35) and of 16 ± 10 rad m -2 (36) estimated for this region in extragalactic RM studies. The best-fitting value of the angle j is 63 ± 10 deg, compatible at 2s with the expected value of 45 deg. In different models (8) , the Galactic outflow is not perfectly perpendicular to the Galactic disk so even a marginal compatibility in the direction is acceptable.
The intensity of the magnetic field required to explain the observed gradient in RM is 66 ± 11 G again compatible with the estimated ~ 80 μG.
Thus, we conclude that the source of the gradient in RM is likely a magnetic field located inside 47 Tuc and amplified by the interaction with a Galactic wind. The required strength means that the magnetic field plays an important role in the internal dynamics of the cluster and must therefore be studied in more details with magnetohydrodynamical simulations. The model can be better tested using observations made with the MeerKAT radio telescope (37) in South Africa, which will be able to determine the RMs of a greater number of pulsars with higher precision. If a Galactic wind permeating the halo is responsible for the observed magnetic field, then similar effects should also be visible in other GCs populating the Galactic halo. Observing these GCs will be helpful in identifying the best model for the halo magnetic field (6). For most of the pulsar data available for this work the routine was not capable of calculating a precise value of RM. The second method used (16, 42) is more accurate and consists in measuring the PA from the Stokes parameters at different wavelengths and searching for the RM that best fits the defining equation:
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where ΔΨ PA is the rotation of the PA, is the speed of light and is the observing frequency.
We proceeded by selecting the on-pulse, linearly polarized region, and an off-pulse region dominated by noise. The number of frequency channels was reduced to four to increase the SNR in each of them. Each channel has a width of 78 MHz with centre frequencies: 1264, 1342, 1421
and 1499 MHz. For each channel we measured the average PA along the pulse with the formula:
where e and e are the Stokes parameters and for the th profile bin and start and end are the start and the end of the on-pulse region.
To calculate the error on the PAs, we first measured the total linear polarization as: (45) . If instead 1 is lower, the assumption of a normal distribution is not valid. In this case we need to use the following normalized distribution (46):
(PA -PA true ; 1 ) = 1
where PA true is the measured value of PA, 1 = u 1 /√2{ cos 2(PA -PA true ) and erf is the Gaussian error function. This distribution is not analytically integrable and to calculate the error we need to numerically integrate this distribution between ± PA in order to obtain 0.683.
As we are only looking at the pulsed emission, we know that all of the polarized emission is coming from the pulsar. Therefore, in the pulsar data we only expect to find a single Faraday component. We performed a least-square fit to find the RM according to the formula:
where PA˜is the value of PA at very high frequency. Since the number of frequency channels has been reduced to 4 it is not possible to test possible variations from the formula reported.
Some pulsars are known to present variations of RM as a function of rotational phase (47, 48) . To face this problem, where there is enough SNR, we divide the pulse into regions and perform a simultaneous fit with a single value of RM. The value of PA˜ can be different for every region and does not influence the value of RM resulting from the fit, so we leave it as a free parameter.
This way we recover an average value which is close to the real RM. Two examples of these fits are reported in Supplementary Figure 4 .
This approach is also useful when dealing with pulsars with a multi-peaked profile and for pulsars that show large variations of PA across the pulse phase. In pulsars with multi-peaked profile summing all of the polarization information from the pulse together will add a considerable amount of noise which will increase the uncertainty of the measure. In pulsars that show large variations of PA summing together signals over a large rotational phase will lead to a depolarisation of the signal and larger uncertainties. In both cases, this approach leads to a more precise estimate of RM.
Since the error on the PAs is not always Gaussian, the least-square fitting algorithm does not always return the correct uncertainty on RM. To measure it in a more statistically sound way we perform a Monte Carlo simulation. In this simulation we created synthetic profiles of the real pulsars for the and polarization in four frequency bands with the same polarization and added a random Gaussian noise with rms( ) as standard deviation. We calculated the value of RM with the procedure described above for 1000 times and showed that the results followed a Gaussian distribution. We took the standard deviation of the Gaussian of the simulated results as representative of the error on the RM.
This technique of estimating RM can be affected by the n-p ambiguity. Measuring an angle using the arctangent function always returns a value between -p/2 and p/2. If the RM value of the pulsar is such that the PA rotation in the observed frequency band is higher than p/2, the measured values of PA will be wrong by a factor p and the fit will not return the correct value of RM. To solve this problem, we measured the differences between PAs of neighbouring frequency channels and if these differences are higher than p/2 we add or subtract p in order to correct the PA. This method has problems if the RM is so high that between two adjacent frequency bins the rotation induced is higher than p/2. This happens if RM is higher than 247 rad m -2 or lower than -247 rad m -2 . The n-p ambiguity does not affect the routine RMFIT so, for the pulsars for which RMFIT was successful, we checked if the results were compatible. For the pulsars for which RMFIT was not successful, we assumed the true value of RM to be as close as possible to the other pulsars.
If both methods were successful, the results were combined with a weighted average to obtain the reported value. If only one method returned an estimate of RM, that value is taken.
Another method that can be used to measure RM is RM synthesis (49, 50) . This method was not used in the present analysis because it does not work as well as the line fitting method in the case of low-SNR sources (see Figure 9 in 49). A source of error for the RM that was neglected is the ionospheric contribution. This is typically between 0.5 and 3 rad m -2 and shows strong diurnal variations (51, 52) . Since our measured errors are usually larger, applying this correction would not change the results significantly. 
Details of the linear RM fit
In the case of the linear fit shown in Fig. 1, the We also checked if the linear correlation found could be replicated by a random distribution of RM. To do so we repeated this analysis 10000 times extracting the RMs from a uniform random distribution between -15 and 35 rad m -2 making sure the maximum difference between RMs is close to the one observed and with the same uncertainties as the measured values. We calculated the probability of randomly reproducing a fit which is comparable to the measured one by using a Bayesian model selection algorithm based on the Bayes factor. If the ratio of the Bayes factors of the two fits is within 0.01 and 100, then the fits are considered comparable. This happens in 1.5% of the cases, but the Bayes factor of the randomly extracted data exceeds the one measured with the observed data in only 4 cases out of 10,000 trials, Therefore, the quality of the measured fit cannot be exceeded by random data at the 3.5s level.
Details of the RM structure function spectral index estimation
To check if the observed RMs could be described by a turbulent magnetic field, we calculated the RM structure function, defined as:
The average (indicated by the angular brackets) is computed between all pairs of pulsars with an angular separation of on the sky. We first measured the square of the RM difference for each pair of pulsars and averaged them over 7 equally spaced bins each containing around 10 pairs.
The spectral index is estimated by performing a straight-line fit through the data in logarithmic units using the algorithm described above. The model used was: log RM ( | , ) = log e + ,
where is the bin number, e is the center position of th bin, is the spectral index and is a normalization. The free parameters of the fit are and . The measured RM structure function is shown in Supplementary Figure 6 . The value of the best-fitting normalization parameter is 1.3 C1.ª «1.¬ . and the best-fitting spectral index is = 0.8 C1.-«1.® which is lower than the value of 5/3 predicted by the turbulent theory (32,56) but still consistent with what has been observed in RM studies at larger angular separations (19). This analysis therefore cannot completely rule out a turbulent magnetic field. The first measure of an RM structure function using the pulsars in a globular cluster was performed by Anna Ho (private communications).
Details of the Galactic wind model
The values of RM are linked to physical quantities like the strength of the magnetic field and the gas density through the following equation (16):
Here is the electron charge, H is the electron mass, is the speed of light, is the distance travelled by the light along the line of sight, H is the electron density and ∥ is the component of the magnetic field parallel to the line of sight. Assuming that the magnetic field responsible for the gradient is located in the GC and that the Galactic magnetic field contribution to RM is constant for all pulsars, we only compute the integral within the GC. The electron density inside the cluster is assumed to be constant at a value of H = 0.23 cm -3 (29) .
The model of the interaction between the Galactic wind and the globular cluster is composed of semi-circular magnetic field lines of constant strength centred around an axis passing through the centre of the cluster. In the half of the cluster that is facing the Galactic wind, the field lines are circular, while in the other half they are straight. The geometry of the field lines is shown in Fig.   3 .
In order to derive the analytical expression of the magnetic field we first measure the projection of the position of the pulsars on axis R as was done in the linear model: e,¡ ± = RA e sin P + DEC e cos P . In the half of the plane R-los, defined in Fig. 3b , that is facing the Galactic wind, the magnetic field is oriented in a circular direction. If we call B the direction of the magnetic field, then it can be described by: The globular cluster and its internal gas are moving with a speed that is both supersonic and superalfvenic with respect to the Galactic wind, so the development of a shock interface is warranted. When crossing the shock front, the magnetic field in the wind naturally acquires a component perpendicular to the direction of motion which can be compressed and thus amplified. The geometry of the shock is shown in Fig. S7 .
To test if this scenario is applicable and could generate a magnetic field comparable with the one observed, we appeal to basic MHD shock equations (57) . We first move in the frame of reference of the shock so that the upstream and unperturbed material (defined with a subscript 1) is moving towards the shock with a speed of D , a density of D and a magnetic field of D . If the magnetic field is aligned with the direction of D , the shock can generate a component perpendicular to D The density of the plasma inside the cluster is ~ 0.23 cm -3 , derived from the electron density (28). If the magnetic field is to penetrate in the central regions of the cluster, it must be compressed of a factor of ~ 100. This additional compression further amplifies the perpendicular component of the magnetic field which acquires a circular geometry in the half of the cluster that is facing the shock.
To estimate how much the perpendicular component of the magnetic field can be amplified by this type of compression, take a cube that is compressed only on one side, called l, with the magnetic field aligned along a direction perpendicular to the compression. Mass conservation implies that is constant, where A is the surface area of the face that remains constant. On the other hand, magnetic flux conservation implies that the magnetic flux that crosses the surface of the solid remains constant, in this situation the surface area has a linear dependence with the length of the side that is changing, l, so we have that is constant. Therefore, the magnetic field should grow linearly with the density.
Even magnetic field lines that have a perpendicular component of only 0.8 µG (as in the case of a field line that enters the shock with an angle of 5°) are capable of reaching a value of ~ 80 μG which is even higher than the best-fit magnetic field strength that parameterizes our model of the observed RM gradient. This shows that this mechanism is able to reach the required strengths of magnetic fields even if the Galactic wind is less magnetized than we assumed.
This compression leaves the parallel component of the magnetic field constant and thus bends the field lines further in a semi-circular shape as depicted in Extended Data 1.
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The custom codes used for the analysis and described in the methods section are provided as supplementary information. magnetic field of the gas in the upstream region, while the quantities denoted with the subscript 2 are the same in the downstream region. The density of the gas in the cluster is denoted by ÛÜ . Supplementary Figure 1 . 
